THE PREÈMAIN-SEQUENCE PHASE FOR SOLAR-TYPE STARS
For a decade now we have presented and discussed results from high-resolution spectroscopy of solar-type stars in nearby open clusters. These data have been applied to the understanding of angular momentum loss and the relation between rotation and stellar activity (see, e.g., Soderblom et al. 1993d, hereafter SSHJ ; Soderblom et al. 1993e ). However, most of our e †ort has been directed at the problem of lithium depletion in stars like the Sun. Li is destroyed in stellar interiors at temperatures above about 2.5 MK. This makes Li a useful tracer of processes related to convection, because the temperature at the base of the convective envelope in solar-type stars is very close to 2.5 MK. Clusters are natural targets of study because they provide reasonably sized samples of stars of known age and composition and because they allow us to construct an evolutionary sequence. Table 1 summarizes the cluster observations of Li that have been made.
During preÈmain-sequence contraction, low-mass stars (M \ 1 should undergo signiÐcant depletion of Li in M _ ) their outer envelope as the temperature at the base of the convective zone becomes hot enough to burn Li. Standard models (with no rotation or di †usion) indicate that the depletion should be an increasing function of decreasing stellar mass and should depend only on mass and metallicity.
Cluster observations are now extensive enough that they cannot be recapitulated brieÑy. Each cluster has its own story to tell, because each one has a di †erent age and composition, di †erent stellar content, and perhaps di †erent initial conditions as well. As the sample grows, we can hope to learn how much clusters di †er from one another simply because of the consequences of initial conditions rather than processes that are part of stellar evolution. Discerning these di †erences among trends is difficult, because sometimes clusters are sparse, sometimes conditions prevent acquiring data for large samples, and sometimes the observations are of uneven quality. The increasing reach of newgeneration telescopes is steadily remedying this situation.
Of all the clusters studied, the Pleiades stands out as the most interesting to us. At an age of 100 Myr, its solar-type stars have just recently reached the zero-age main sequence (ZAMS), meaning that many members maintain much of their initial angular momentum and are young enough that no main-sequence Li depletion should have taken place. The Pleiades is rich in members compared with most open clusters, and its membership is well studied, with highly probable members known into the brown dwarf regime.
The story that the Pleiades tells is fascinating. At 1 M _ and below, its members have rotation rates spanning nearly 2 orders of magnitude. If the Hyades and Pleiades represent an evolutionary sequence, then this spread in rotation virtually disappears within 0.5 Gyr (Soderblom et al. 1993e) . At a single mass, the Pleiades exhibits a spread in Li of a factor of about 30 (1.5 dex). Although this large spread is still not well understood, the general trend of depletion is in agreement with theoretical predictions. Although not as large as the spread in rotation, we view the spread in Li as more remarkable. This is because stars form with di †erent Randich et al 1998 ; (11) Panagi et al. 1994 ; (12) Hobbs & Pilachowski 1988. angular momenta, yet we commonly assume that stars in a cluster all start with the same elemental abundances. How then, and when, does the spread in Li abundance at a single mass arise ?
The early Pleiades observations (Soderblom et al. 1993b , hereafter Paper III) showed a correlation between excess Li and excess rotation for stars More recent obser-[1 M _ . vations (Jones et al. 1996, hereafter Paper VI ; Garc• a Lo pez et al. 1994) indicate that this correlation disappears for the lowest mass stars observed. These observations suggest that there may be some rotationally induced mechanisms that act to accelerate (or retard) Li depletion. If such a rotational mechanism exists, it seems likely to be related to the major structural changes and rapid spin-up that occur during a starÏs Ðnal approach to the ZAMS, and not related to suggested rotationally induced main-sequence Li depletion, which acts on a much longer timescale (see, e.g., Chaboyer, Demarque, & Pinsonneault 1995) . Thus, we are led to explore the preÈmain-sequence phase of stellar evolution in order to see what happens to stars even earlier in their lives.
All of the clusters in Table 1 are fairly old, so that their solar-type stars are on the main sequence, but it is now clear that what we see on the ZAMS is the result of what happened much earlier. Younger-than-ZAMS clusters are more difficult to study because their faint, low-mass members have often not been identiÐed. However, recent work has tabulated members for the preÈmain-sequence (PMS) cluster NGC 2264. This cluster is about 5 Myr old, much younger than even the youngest ZAMS clusters (which are 30È50 Myr old). Although star formation is still going on in NGC 2264 (Margulis, Lada, & Young 1989) , it contains stars that are at least 5 Myr old. This is older than most T Tauri stars, which are 1È3 Myr old.
Here we report on observations we have obtained for low-mass stars in NGC 2264 and how these Ðt into the scheme of the evolution of solar-type stars. As with the main-sequence clusters, NGC 2264 challenges our understanding of stellar physics by adding complexity to the picture.
OBSERVATIONS AND DATA REDUCTION

Sample Selection and Spectroscopy
Several membership studies of NGC 2264 have been done over the years, based on photometry and astrometry and, more recently, Ha emission. The present sample was drawn from the astrometric study of . We chose stars near the center of the cluster to reduce the likelihood of observing nonmembers, although a more thorough coverage of the entire region needs to be done.
The stars observed are listed in Table 2 . The identiÐca-tions are J , V (Vasilevskis, Sanders, & Balz 1965) , W (Walker 1956) , and S (Sung, Bessell, & Lee 1997) . We will use the Jones numbers for reference in this paper.
Our spectra were obtained with the HIRES spectrograph (Vogt 1992) on the Keck I Telescope in 1998 January. We used the C1 entrance decker, which yields a projected slit width of (about 3 pixels) and a spectroscopic resolving 0A .86 power of about 45,000. The detector was a Tektronix 2048 ] 2048 CCD with 24 ] 24 km pixels. Sixteen echelle Table 2 ) ranged from 10 to 40 minutes and resulted in perpixel signal-to-noise ratios (S/Ns) of 15È75.
The observations were reduced using routines in the ECHELLE package of IRAF.1 We debiased the images, Ñat-Ðelded them, removed scattered light and background, extracted the individual orders, and applied wavelength calibrations (using an exposure of a ThAr lamp). Figure 1 shows our spectra at Li, Ha, and the 8662 line of the IRT.
A ÈÈÈÈÈÈÈÈÈÈÈÈÈÈÈ 1 IRAF is distributed by the National Optical Astronomy Observatories, operated by the Association of Universities for Research in Astronomy, Inc., under cooperative agreement with the National Science Foundation.
Radial V elocities
We determined radial velocities from our spectra (v rad ) using a cross-correlation analysis carried out with the FXCOR routine in the IRAF RV package. Our afternoon sky spectrum was used as a solar-proxy template, and it also deÐned the zero point. We compared measured solar wavelengths with laboratory values ; the di †erences indicate that our zero-point uncertainty is approximately 1.2 km s~1.
The cross-correlations were performed using spectra from 6420 to 6500
Small shifts between spectra were A . removed by determining corrections using the telluric B-band region (6866È6880 The internal uncertainty in A ). is typically 0.3È0.4 km s~1 and arises from random v rad errors, the e †ects of Ðltering, and choice of Ðtting function. The Ðnal values (heliocentric) are listed in column (9) of v rad Table 2 . Table 2 . There is signiÐcant nebular Ha emission in NGC 2264, and it could not be completely removed. The dashed portions of the Ha proÐles are a †ected by the imperfect subtraction and should be ignored.
Five of our stars (J442, J542, J641, J1302, and J1328) have nearly featureless spectra, making it impossible to determine Their Ha absorption wings are very broad, and v rad . the IRT lines are also broad and shallow. There is a narrow group of features present in all Ðve of these spectra near 6614.3 which we identify with the 6613.6 di †use inter-A , A stellar band (DIB) of Herbig & Leka (1991) . We were also able to see other DIBs near 7224 and 7927 and, A possibly, 8621 and 8649
Other DIBs are expected to be A . too weak to be detected in our spectra. These stars are very red and are probably highly reddened background objects of early spectral type. J943 (W134) was identiÐed as a double-lined spectroscopic binary (SB2) by Padgett & Stapelfeldt (1994) . In our spectrum the components are blended. We were able to measure for both components, but their Ha proÐles are v rad blended. The photometry is for both components together.
The median of the stars we believe to be probable v rad members (see below) is ]20^3 km s~1. The median is less sensitive to outliers than an average, and we note that there is a signiÐcant low-velocity tail to the distribution because of multiples or contamination by nonmembers (Fig. 2) Liu, Janes, & Bania (1989) and King (1993) for hotter members (]24 km s~1).
Rotation Rates and Multiplicity
We used the same cross-correlations just described to determine rotation rates. The FWHM of the cross- FIG. 1b correlation function (CCF) was measured, and the relation of this quantity to rotation was mapped by convolving our solar spectrum with a rotational broadening function. Different v sin i values produced di †erent templates, which were correlated with the solar spectrum. FWHM values were then measured to calibrate the relation.
The derived v sin i values are listed in column (10) of Table 2 . There is a 2 km s~1 uncertainty for these values, estimated by comparing the di †erent templates with the observed CCFs. We could not determine v sin i for the Ðve featureless spectra.
Our spectra have good S/N, but these stars are not sharplined, and we did not obtain multiple spectra. Therefore, we cannot identify multiple systems with certainty. We have noted in the last column of Table 2 those cases where we suspect multiple components or where the CCF is asymmetric. SB2 indicates a double-lined spectroscopic binary, and SB1 stands for a single-lined spectroscopic binary. In some of these cases our v sin i values will turn out to be too large, because some of the line broadening is due to multiplicity. The accuracy of our values is a †ected by this as v rad well.
3. DATA ANALYSIS 3.1. Cluster Photometry We had available the photometric data of Sung et al. (1997, hereafter SBL) and R. Makidon (1997, private communication) , as well as the photographic photometry of . We have taken E(B[V ) \ 0.071 and A V \ 0.22 (SBL). A distance modulus of 9.4 was used (SBL), corresponding to 760 pc. This modulus is much less than the 9.88 value determined by & Westerlund (1987) Pe rez, The , but is close to the average of the many other determinations (9.31 mag) reported in et al.
Pe rez
The di †erent colors are compared in Figure 3 , where one FIG. 1c can see that V [I colors2 for most stars agree to within about 0.03 mag and values agree to within about 0.05 m V mag. A few large discrepancies exist for a few stars. For consistency, we have used the photometry of SBL, but we note cases with discrepant photometry when that is pertinent. The measured B[V colors are much less consistent, showing scatter of nearly 0.10 mag.
T emperatures
The determination of e †ective temperature values (T eff ) for PMS stars is problematic (King 1998 (Padgett 1996 ; King 1993) . may also T eff be determined from a Ðne analysis of many absorption lines over a range of wavelengths, but inadequate correction for spectral veiling can skew the results.
We used both B[V and V [I to determine The T eff . color-temperature calibrations are those of Bessell (1979) , expressed in terms of B[V by SSHJ and in terms of V [I by Randich et al. (1997) . Doing this makes our scale T eff consistent with those used for the Pleiades (Paper III) and IC 2602 The dereddened colors are listed in columns (3) and (4) of Table 3 . We also list colors for the Ðve background stars mentioned earlier, although additional reddening corrections may be needed. For three of these latter objects, V [I was taken from R. Makidon (1997, private communication) .
Before comparing the values derived from B[V and T eff V [I, we chose to ignore these stars : the Ðve heavily reddened background objects, J943 (as an SB2), and J611 and J779, because they appear to be nonmembers based on proper motion, Li, and Ha. The di †erence between v rad T eff values from the two color indexes is shown in Figure 4 . B[V consistently leads to values about 200 K hotter T eff than V [I does. We suspect that this may be due to boundary-layer emission that raises the blue Ñux. Similar color-dependent di †erences have been noted in IC 2602 T eff Table 3 . We have also included in Table 3 our derived estimates of masses and radii.
L ithium Abundances
We measured the strength of the Li 6708 doublet using A both proÐle Ðtting and simple integration. The Li feature is strong in these stars and so is generally blended with the Fe I line at 6707.441 correction for this blend was made A ; using the parameterization in Paper III, and these correc- tions are much less than the Li line strength. A more important correction is needed for spectrum veiling, and to do this we used the relationship between Ha emission and veiling of Hartmann & Kenyon (1990) as presented by Strom et al. (1989b) . The Ha equivalent widths are listed in column (2) of Table 3 . Using these corrected equivalent widths, we calculated Li abundances using the curves of growth tabulated in Paper III. These LTE abundances are then on the same scale as those for other clusters from papers in the present series. Randich et al. (1997) also used these curves of growth for IC 2602. We also determined non-LTE corrections using the code of Carlsson et al. (1994) Table 3 .
Only one of our stars, J943 (W134), has been previously observed for Li. Padgett & Stapelfeldt (1994) measured equivalent widths of 200 and 170 for the two commA ponents of this SB2, whereas we measure 214 and 162 mA .
(These values are after correction for spectrum veiling, but not for line dilution by the companion.) For J943, an average for the two components was determined from T eff the composite photometry ; these were then adjusted bŷ 80 K so that the Ðnal values di †ered by the 160 K T eff found by Padgett & Stapelfeldt (1994) ; this di †erence is consistent with our spectrum as well. The raw (measured) equivalent widths for the Li feature were corrected for Ñux dilution using the Planck function ratio at 6708 for these A two values and the relative radii for 3 MyrÈold stars T eff with Y \ 0.28 and Z \ 0.02 from DÏAntona & Mazzitelli (1997) . Our raw and corrected equivalent widths agree well with those reported by Padgett & Stapelfeldt (1994) , but our Li abundances are much lower than theirs because of our lower values. T eff 3.4. Spectroscopic Indicators of Membership Our Ðnal assessment of membership is given in column (11) of Table 2 , and it is based on the original propermotion estimates, together with spectroscopic indicators. As we noted above, J442, J542, J641, J1302, and J1328 have high proper-motion membership probabilities, but they also show very broad Ha wings, broad and shallow IRT proÐles, and no other discernible spectroscopic features except for several di †use interstellar bands. These Ðve stars most likely lie beyond NGC 2264 and are heavily reddened.
J611 and J779 show Ha absorption and no detectable Li, and they also have low proper-motion membership probabilities and low radial velocities and lie away from cluster members in the color-magnitude diagram (CMD), shown below. They are surely nonmembers.
Membership for J1077 and J1088 is ambiguous. Both show Ha in absorption, but that is also the case for other relatively hot and massive stars in NGC 2264 (King 1993 ). Both stars have low but that could be due to their v rad , being binaries (J1077 is classiÐed as a possible SB2). Both stars have high proper-motion membership probabilities. The Li abundance of J1077 is comparable to that of other hot cluster members, but Li in J1088 is lower than for other stars of similar color in NGC 2264. Also, J1088 is located near the 14 Myr isochrone in the CMD, while more certain members lie between the 1 and 5 Myr isochrones. For the present, we take J1077 to be a probable cluster member and J1088 to be a probable nonmember.
The rest of our sample are all likely to be cluster members on all grounds : proper motions, Ha emission, Li abundance, and position in the CMD. In those cases where the is discrepant, we have assigned them probable memberv rad ship. In Ðve of these cases (J236, J606, J1036, J1146, and J1185), the CCFs suggest multiplicity. Figure 5 shows an H-R diagram for NGC 2264. The corrections to convert to are from Bessell (1991) . M V M bol The evolutionary tracks are from Siess, Forestini, & Dougados (1997) for solar metallicity (Anders & Grevesse 1989) . The convergence of the isochrones at low masses arises from deuterium burning, which slows the contraction of the stars.
DISCUSSION
T he Ages of NGC 2264
Most of our stars lie between the isochrones for 1 and 5 Myr. This is consistent with the age estimate of R. Makidon (1997, private communication) , 3 Myr, and also the 0.8È8 Myr range seen by SBL. The few stars that lie near or below the 10 Myr isochrone are all probable nonmembers on a variety of grounds (see above). Therefore, we estimate the age spread in NGC 2264 to be only about 4 Myr, about a factor of 2 less than that seen by Adams, Strom, & Strom (1983) and SBL. The better discrimination of membership that spectroscopy a †ords allows for a better determination of age and age spread. Because star formation is still taking place in NGC 2264 (Margulis et al. 1989 ), 4 Myr is just a lower bound to the age spread. The least massive stars tend to appear to be younger than more massive stars. We suspect that this is an artifact of the models because di †erent evolutionary tracks from the literature are especially discrepant below D0.5 , as a result of di †ering treatment of the equation of state and electronic corrections in cool degenerate matter. Modeling of the atmosphere also plays a role. This massdependent age discrepancy was noted by SBL and is also seen in the Orion Nebula cluster (Hillenbrand 1997 ).
PreÈMain-Sequence Evolution of
Angular Momentum In addition to the v sin i values reported here, measurements of rotation periods exist for many stars in NGC 2264. We Ðrst compare NGC 2264 with the very young (D1 Myr old) stars of the Orion Nebula cluster (ONC). Figure 6 shows histograms of rotation periods for NGC 2264 (Kearns et al. 1997 ; Kearns & Herbst 1998 ; R. Makidon 1997, private communication) and the ONC (Hillenbrand 1997) . Both the ONC and NGC 2264 have distributions with peaks and extended tails, but the ONC dislow-P rot tribution is distinctly bimodal. Kearns et al. (1997) have already compared ONC with NGC 2264, and they concluded that the moderate rotators in the ONC (P rot \ 6È10 days) will have spun up to days by the age of NGC P rot \ 5 2264. Within the framework of current models, this means that the stars in NGC 2264 have been decoupled from their circumstellar disks for some time. Assuming conservation of angular momentum and taking into account stellar structural changes, a 1 star with days will spin up to M _ P rot \ 8 a period of 3.5, 4.7, or 5.7 days at the age of NGC 2264 if star-disk coupling ceases at an age of 1.0, 1.5, or 2.0 Myr, respectively. These simulations suggest disk-locking timescales of only 1È2 Myr to reproduce the peak at a 5 day period. Observations of infrared excess (Strom et al. 1989a ), on the other hand, indicate that disks can last as long as D10 Myr. The slow rotators days) in NGC 2264 may be (P rot Z 7 stars that are still coupled to their disks. There is nothing about the positions of the slow rotators in the H-R diagram to indicate that they are systematically younger than the rapid rotators, and so a range of disk lifetimes may be possible.
What happens next ? Can the stars of NGC 2264 plausibly evolve into what is seen in the Pleiades or in a Per ? We explore two possibilities : solid-body rotation and coreenvelope decoupling (angular momentum conservation in shells). In the solid-body case, we presume braking via a stellar wind, using KawalerÏs (1998) formulation. In those models, represents the critical rotation rate above ) crit which the magnetic Ðeld saturates ; below we have ) crit B P ). For core-envelope decoupling, we use to q coupl denote the timescale for transporting angular momentum from the rapidly rotating core to the convective envelope (MacGregor & Brenner 1991) . Angular momentum loss from the envelope is treated the same as for the solid-body case.
For both cases, we assume that the stars are decoupled from their accretion disks (Siess & Livio 1997 present further details of this model). We use the observed P rot values and take NGC 2264 to be 3 Myr old. We take Myr and both of which are in q coupl \ 20 ) crit \ 10 ) _ , accord with observations.
The angular momentum evolution of stars in the mass range 0.5 is then followed adopting the M _ \ M ¹ 1.1 M _ two hypotheses. As pointed out by Siess & Livio (1997) , both the solid and decoupling models cannot easily reproduce the proportion of very slow rotators (v sin i \ 10 km s~1) at the age of a Per and the Pleiades unless "" extreme ÏÏ values of the parameters are used. The solid rotation model requires very long star-disk coupling timescales of the order of 10 Myr (e.g., Bouvier, Forestini, & Allain 1997) to prevent the star from spinning up, while the decoupling model necessitates a very long coupling timescale (q coupl D Myr) or a high value of (e.g., Keppens, MacGregor, 100 ) sat & Charbonneau 1995 ; Allain 1998). Considering the inability of theoretical models to reproduce the proportion of very slow rotators, we did not account for them in our comparisons.
The results of the simulations (Fig. 7) indicate that at the age of a Per (50 Myr), only the decoupling model is able to reproduce the faster rotators with v sin i [ 100 km s~1. At the age of the Pleiades (70 Myr), braking has efficiently spun down the stars that are now rotating slowly in both models (v sin i \ 40 km s~1). We note, however, that the decoupling model provides a more efficient braking, because only the surface layers of the star are spun down. To compare the di †erent distributions, we performed a s2 test. The numbers indicated in Figure 7 suggest that the decoupling hypothesis can better account for the evolution of the periods distribution in NGC 2264.
To conclude this section, the rotation period distribution of NGC 2264 can reasonably be understood as the evolved distribution of younger stars such as in the ONC. Our calculations of the expected distribution of periods at the age of a Per and the Pleiades seem to favor the decoupling model over the solid rotation hypothesis, especially because the former can reproduce the faster rotators. But, considering the small sample, this preliminary conclusion deÐnitely requires additional observations to be conÐrmed.
Li Abundances in NGC 2264
Nearly all young clusters (ages less than 250 Myr ; see Table 1 for references) show a spread in Li abundance for stars with but also a generally decreasing Li M [ 1 M _ , abundance with decreasing stellar mass. NGC 2264 is young enough that little Li depletion should have taken place. Figure 8 shows the NGC 2264 non-LTE Li abundances as a function of
We have added the obser-T eff . vations of King to our sample. The dashed lines in Figure 8 are predicted curves for Li abundance from standard models for 3 (top), 10 (middle), and 30 Myr (bottom) for an initial abundance of log N(Li) \ 3.2. The slight downturn in Li abundance in Figure 8 is consistent with standard models and an age for the cluster of slightly more than 3 Myr. The solid lines show where stars would fall if all stars had the same Li abundance of log N(Li) \ 3.2 but the derived temperatures were uniformly raised by 250 K (top line) or decreased by 250 K (bottom line). Figure 8 shows a substantial overall spread in Li. The range is approximately 0.5 dex in the non-LTE abundances. This is nearly the same spread seen for D1 stars in the M _ Pleiades (Paper III), and it is tempting to speculate that the spread we see in the Pleiades is already in place at this early age. However, we do not think this is the case, for several FIG. 7 .ÈHistograms of v sin i as observed in a Per and the Pleiades (bottom) and as predicted by models with core-envelope decoupling (top) and solid-body rotation (middle). The sources of the observations are listed in Soderblom et al. (1993e). reasons. Foremost is the difficulty in determining temperatures for these stars. From the discussion above, random errors of 250 K (from nonuniform reddening, for example) cannot be ruled out, and errors of this magnitude could account for most of the spread seen for temperatures above 4000 K. There is also the problem of correcting for veiling, and the star with the highest Li abundance is also FIG. 8 one of the stars with a large correction. Moreover, if the spread seen is real, than NGC 2264 will be very peculiar at the age of the Pleiades. This is because stars with current temperatures greater than 4500 K will reach the main sequence with temperatures greater than 6000 K. If the current spread is real, then the future NGC 2264 will have a large spread in Li abundance, whereas all other clusters have essentially no spread at this temperature. On theoretical grounds, standard models would predict little or no depletion for nonrotating models, and if the spread seen in Figure 8 were real, it would imply that the spread existed in the proto-nebula of each star.
In Paper III we noted that the most Li-rich stars of the Pleiades tended to be ultrafast rotators, as also observed by Butler et al. (1987) and . Although Garc• a Lo pez this correlation does not extend to cooler Pleiades (Paper VI ; , other clusters, such as NGC Garc• a Lo pez 1039 , hereafter Paper VII) and a Per (Randich et al. 1998) , do show a correlation in the same temperature range as does the Pleiades. Chaboyer et al. (1995) and & Claret (1996) have proposed a solution Mart• n to account for the connection. However, the situation is complicated by more recent determinations of for the P rot Pleiades (Krishnamurthi et al. 1997) that show that at least one Li-rich star rotates slowly. Figure 9 shows log N(Li) versus for our NGC 2264 P rot stars. The few Li-rich stars [log N(Li) B 3.5] with very FIG. 9 .ÈL eft, log N(Li) vs.
for stars in NGC 2264 ; right, histograms corresponding to the LTE (solid line) and non-LTE (dotted line) abundances P rot small rotation periods are from the high-mass end of our sample, where we expect to see more rapid rotation, and so we conclude that there is no apparent connection between Li abundance and rotation for NGC 2264, as expected from the above discussion. We conclude that the spread in Li abundances seen in the Pleiades arose after an age of 3È5 Myr.
The Li abundances we see in NGC 2264 are consistent with those seen, for instance, in Orion Ic (King 1993) , once allowance for non-LTE e †ects is made in KingÏs data. The non-LTE Li abundances of Cunha, Smith, & Lambert (1995) are also consistent with a uniform value of Li in PMS stars.
T he Distribution of Rotation Axes
We have sufficient information to perform a consistency check on the PMS models used here and some measured parameters. We have observed values of and v sin i, P rot plus model-dependent estimates of R, the radii of the stars. Putting these together yields values of sin i :
Individual values of sin i are not especially useful, but we can test to see whether the overall distribution of sin i corresponds to a random distribution of rotation axes (Chandrasekhar & Munch 1950) , and we also expect that sin i should not exceed 1, except to a minor degree due to uncertainty. Figure 10 shows our sin i distribution, and it is not as expected. First, there are three stars with sin i much greater than 1. Possibly the v sin i values are too large because these stars are SB2Ïs with blended lines. Alternatively, P rot may be overestimated if aliasing of the period goes undetected. This would require the true rotation period to be half the observed period, which seems unlikely unless the observers were unusually unlucky, although it is suggestive that the stars with sin i [ 1 all have long rotation periods (Fig. 9) . The Ðnal possibility is that the radius used is too small, but R is unlikely to be in error by as much as the factor of 2.6 needed to explain the sin i seen for J1122, for example.
Aside from the three cases for which sin i is too large, the average sin i is about 0.6, much lower than expected. For a random distribution of rotation axes, Ssin iT \ n/4 \ 0.79 (Chandrasekhar & Munch 1950) . Except for occasional problems with line blending, v sin i values above 10 km s~1 should be reliable to about 10%. As mentioned, can P rot sometimes be o † by a factor of 2 because of aliasing, FIG. 10 .ÈPlot of sin i vs. v sin i for stars in NGC 2264 depending on the sampling during the observations, but raising a signiÐcant number of sin i values by a factor of 2 puts them above 1, which is unacceptable.
Several other possibilities for the distribution seen in Figure 10 suggest themselves. First, the luminosities and/or e †ective temperatures of these stars could be systematically overestimated, leading to a shift to higher mass tracks and thus larger estimated radii. Second, we may have missed stars nearly equator-on if they still have accretion disks or other obscuring material. Third, perhaps rotation axes in NGC 2264 tend to be aligned instead of randomly oriented.
Models of PMS stars continue to be reÐned, of course, but they are internally consistent and have been successful in accounting for much of the observations. In other words, there is no strong evidence for a fundamental problem with them. The presence of circumstellar material around stars as young as those in NGC 2264 is plausible, although it is not thought to be thick or extensive. Finally, other clusters, as well as Ðeld stars, have rotation rates that agree with the assumption of randomly distributed axes, so there is little basis for believing NGC 2264 to have some systematic alignment.
The answer to this problem is not clear, but we note that Weaver (1987) saw a very similar distribution of axial inclinations in considering T Tauri stars. Weaver attributed the distribution to selection against high-inclination stars because of circumstellar material.
CONCLUSIONS
We have reported on high-resolution echelle spectra of stars in the PMS open cluster NGC 2264. All of our stars that lie below the 5 Myr isochrone are probably nonmembers, and therefore the age spread seen in NGC 2264 is only about 4 Myr. This is substantially less than other determinations, but it is a lower bound because star formation is still taking place in this cluster.
We compared rotation in NGC 2264 members with the even younger ONC and the ZAMS clusters a Per and the Pleiades. Current models can satisfactorily evolve the distribution of rotation seen in the ONC into that seen in NGC 2264. In examining the evolution of rotation to the ZAMS, we considered models with solid-body rotation and with decoupling of the radiative core from the convective envelope. The latter case, with decoupling, appears to Ðt the observations better.
Because of substantial (250 K) uncertainty in e †ective temperatures in PMS clusters (because of uneven reddening, among other things), the distribution of lithium abundances seen in NGC 2264 has scatter, but it is consistent with uniform abundances among the members and with no depletion having yet taken place. This suggests that the large spread in Li seen among solar-type stars in the Pleiades and other young clusters arises after an age of at least 3È5 Myr.
